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Numerical Simulations of Accretion Flows 

The Astrophysical Journal, 769:156 (20pp), 2013 June 1 Schnittman, Krolik, & Noble

Figure 2. Fluid density profile for a slice of Harm3d data in the (r, z) plane at
simulation time t = 12,500M . Contours show surfaces of constant optical depth
with τ = 0.01, 0.1, 1.0. Fiducial values for the black hole mass M = 10 M⊙
and accretion rate ṁ = 0.1 were used.
(A color version of this figure is available in the online journal.)

Table 1
For a Range of Mass Accretion Rates: the Bolometric Radiative Efficiency η,
the Time-averaged Fraction of Total Luminosity in the Corona, the Radius of
the Reflection Edge Rrefl, the Disk-corona Transition Radius Rtrans, and the
Height Hphot of the Scattering Photosphere (Averaged Over r = 10–30M)

ṁ η Lcor/Ltot Rrefl/M Rtrans/M Hphot/r

0.01 0.056 0.40 6.1 8.8 0.11
0.03 0.052 0.29 4.4 7.4 0.19
0.1 0.051 0.19 2.1 6.4 0.31
0.3 0.048 0.13 2.0 5.7 0.43
1.0 0.042 0.09 2.0 5.1 0.55

Notes. The dependence of η on ṁ is in part an artifact of our model, as explained
in the text. Note also that emission outside R = 60M , ignored here, adds an
additional ≃0.012 to the radiative efficiency.

itself results in an independent value for the radiative efficiency,
which is listed in Table 1. As shown there, it is never far from
≃0.06 when radiation from the outer disk is included.

Once the physical density is specified, the location of the
photosphere at each point in the disk at any particular time is
calculated by integrating the optical depth dτ = κ ρ(r, θ,φ)r dθ
at constant (r,φ) from the poles at θ = 0,π down toward the
disk. The photosphere is then defined as the surface where the
integrated optical depth reaches unity. For the top and bottom of
the disk, the photospheric surfaces can be written as Θtop(r,φ)
and Θbot(r,φ) as in Schnittman & Krolik (2013):

∫ θ=Θtop

θ=0
dτ =

∫ θ=π

θ=Θbot

dτ = 1 , (2)

and the height of the photosphere is then simply given by
Hphot = r| cos Θ|.

With increasing ṁ, the photosphere height increases, making
the disk more like a bowl or inverted cone (imagine rotating the
contours of Figure 2 around the z-axis). This shape increases
the probability that photons scatter off other parts of the disk
surface (the relativistic version of this effect is sometimes
called “returning radiation”; see Cunningham 1976) and may
subsequently be captured by the black hole. Thus, the radiative
efficiency decreases steadily with larger ṁ. This effect may

Figure 3. Magnetic energy density profile for a slice of Harm3d data in the (r, z)
plane corresponding to the same conditions as in Figure 2.
(A color version of this figure is available in the online journal.)

be interpreted as the beginning of “super-Eddington photon
trapping.”

Just as the gas density must be converted from code units
to physical units, so do the magnetic field and local cooling
rate. With dimensional analysis, determining these conversion
factors is trivial. In cgs units, the magnetic energy density is
given by UB = B2/(8π ), so the conversion factor is simply

B2
cgs

B2
code

= c2 ρcgs

ρcode
. (3)

The local cooling rate L has units of energy density per time, so
its conversion factor is given by

Lcgs

Lcode
= c2 ρcgs

ρcode

tcode

tcgs
= c5

GM
ρcgs

ρcode
. (4)

2.3. Disk Structure

Figure 2 shows a snapshot of the gas density in the (r, z =
r cos θ;φ = 0) plane for fiducial values of the black hole mass
M = 10 M⊙ and accretion rate ṁ = 0.1. The solid contour
lines show surfaces of constant optical depth. Note that while
the density-weighted scale height of the disk Hdens/r is only
≈0.06, the photosphere is located at a height several times that
above the midplane, with Hphot/r ≈ 0.3 in the region of peak
emission r = 10–30M for this choice of accretion rate. This
is to be expected; in stratified shearing box simulations with
careful treatment of thermodynamics and radiation transfer, the
scattering photosphere often lies 3–4 scale heights from the
plane (Hirose et al. 2009).

For ṁ = 0.1, the total optical depth of the disk ranges from
order unity in the plunging region up to τ ≈ 100–200 in the
disk body at r > 10M . Where the total optical depth is less than
2, we say that there is no disk, only corona (i.e., no solution
exists for Equation (2)). We denote the radius of this transition
by Rrefl; in the language of Krolik & Hawley (2002), this is the
radius of the “reflection edge.”

In Figures 3 and 4 we show the magnetic energy density
and local cooling function, respectively. The Harm3d data
correspond to the same time and the same slice in the (r, z)
plane as shown in Figure 2, for M = 10 M⊙ and ṁ = 0.1.
Comparing the gas density and magnetic pressure, we see

4

Fluid density profile  
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Figure 8. Coronal luminosity profile as in Figure 7, but for dL/d(cos θ ).
(A color version of this figure is available in the online journal.)

the disk body is constant, and of the order of 0.2–1 keV for
these parameters. The corona is much hotter, with Te ranging
from ∼10–100 keV for τ between 0.01 and 1. By comparing
Figures 2 and 4, we see that the electron density falls off
faster with increasing altitude from the disk than the dissipation
(Hdiss ≃ 3Hdens), leading to higher coronal temperatures as
more power must be released by a smaller quantity of gas. The
temperature map also shows large fluctuations over small spatial
scales, yet not quite as large as those seen in L. This is because
the regions of high dissipation are correlated with regions of high
density, which has the effect of smoothing out the temperature
gradients (see Equation (9)).

By changing the ṁ used in Equations (1) and (4), we can
investigate the coronal properties of different accretion states.
For a given point in the corona, L, ne, and Uph all scale linearly
with ṁ, so from Equation (9) one can see that the term γ 2β2

should scale like ṁ−1. At low electron temperatures we have

γ 2β2 ≈ v2

c2
≈ 3

kBTe

mec2
, (10)

while in the relativistic regime,

γ 2β2 ≈ γ 2 ≈ 12
(

kBTe

mec2

)2

, (11)

recovering the well-known scaling of IC power with temperature
(Rybicki & Lightman 2004). Thus, at a fixed height above the
disk, the electron temperature should scale like Te ∼ ṁ−1

for kBTe ≪ mec
2, while at high temperatures, Te ∼ ṁ−1/2,

independent of the black hole mass.
However, since we have fixed the total coronal optical depth

at unity, the characteristic density near the photosphere is
ne ≃ (σT Hdens)−1, regardless of ṁ. Therefore, at a fixed optical
depth τ in the corona, Equation (9) becomes

γ 2β2 ≃ 3
4

Hdens

c

L
Uph

τ−1 . (12)

A rough model for how the temperature scales with ṁ can
then be derived if we treat both the density and the dissipa-
tion profiles as exponentials with vertical scale heights Hdens
and Hdiss, respectively. Because both scale linearly with ṁ
(see Equations (1) and (4)), these two quantities can be de-
scribed by L(z) = ṁL0e

−z/Hdiss and ρ(z) = ṁρ0e
−z/Hdens . From

Figure 9. Electron temperature in the corona for a converged solution of the
global radiation field, for the same snapshot as in Figure 2. Within the disk
photosphere, all the radiation is thermalized, and we assume the temperature is
uniform for constant (r, φ).
(A color version of this figure is available in the online journal.)

the simulation data we find that Hdiss ≃ 3Hdens. It then fol-
lows that, at fixed optical depth τ , L will scale with ṁ like
L ∼ ṁ(1−Hdens/Hdiss) ∼ ṁ2/3 (this also explains the scaling of
Lcor/Ltot ∼ ṁ−1/3 seen in Table 1). On the other hand, Uph is
nearly constant throughout the corona, but scales linearly with
ṁ, so Equation (12) becomes

γ 2β2 ∼ L
Uph

τ−1 ∼ ṁ−1/3τ−1 . (13)

We therefore expect the temperature at a fixed optical depth
to scale like Te ∼ ṁ−1/3 in the non-relativistic regime, and
Te ∼ ṁ−1/6 at high temperature. Similarly, at fixed ṁ, we expect
Te ∝ τ−1 non-relativistically and Te ∝ τ−1/2 when the electron
temperature is relativistic.

Thus, whether comparing regions of constant latitude or con-
stant optical depth, we see a clear trend that is consistent with
decades of observations: low-luminosity states are characterized
by hard X-ray flux from a hot corona, while high-luminosity
states lead to a much cooler corona and softer spectrum. In
Figure 10 we plot the time-averaged coronal temperature as a
function of radius for a range of different accretion rates. In
the top panel the mean temperature is calculated by integrat-
ing over θ and φ and weighting by the local cooling rate L,
while in the bottom panel the temperature is weighted by the
electron density ne. The L-weighting is more closely related to
the emergent spectrum and naturally probes the upper corona,
while the ne-weighting speaks to conditions in the majority of
the coronal mass and is sensitive to the conditions near the disk.
In either case, the trend with ṁ is clear and, at the level of
approximation expected, consistent with our earlier rough scal-
ing argument. We also see that in the bulk of the corona, espe-
cially outside the ISCO, the temperature changes very little with
radius.

The time-averaged radial and vertical temperature profiles of
the corona can be seen in greater detail in Figure 11 for ṁ = 0.1.
At six different values of r, we plot the temperature as a function
of optical depth through the corona, where τ = 0 corresponds
to the z-axis, and τ = 1 the disk surface (see contours of τ
in Figure 9). From the base of the corona at τ = 1 outward to
τ ∼ 0.01, the predicted τ−1 scaling describes the results well for
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Electron temperature in the Corona 

GRMHD simulations for MBH = 10M¤, L=0.1LEdd = 0.1, Schnittman+2013 
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X-ray Power-Law 
from compact corona 
 
Relativistically 
Blurred Reflection 
(line + continuum) 
 
Distant Reflection 
(line + continuum) 
 
 
 

Fiducial Model 

Geometrically thin, optically thick accretion 
disk emitting primarily in UV/Optical 
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Direct imaging of quasars is not possible due to their large distances.  
Microlensing, however, can resolve: 

Structure of AGN Accretion Disks 	

-   The sizes of the Optical and UV regions of AGN	

-   Comparison with Thin Disk Theory	

-   Use the distribution of shifts of the Fe line to infer the ISCO, spin, 
and inclination angle of disk	

Structure of AGN Coronae	

-  The sizes of X-ray emitting coronae of AGN	

Quasar Accretion Disk Tomography 
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Microlensing Model	
●  The main free parameters of a microlensing model are:	
-  the sizes of the emission regions, 	
-  the mass of the stars doing the microlensing, 	
-  the fraction of normal matter to dark matter in the galaxy doing the 
lensing 	
-  the velocity describing the motion of the AGN regions across the 
microlensing caustics. 	

●   The microlensing analysis includes the creation of many random 
realizations of the star fields near each image and the generation of 
magnification maps.	

Quasar Accretion Disk Tomography 
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No. 1, 2010 THE SIZES OF THE X-RAY AND OPTICAL EMISSION REGIONS OF RXJ 1131–1231 283
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Figure 4. X-ray (top) and R-band optical (bottom) flux ratios between the A−B
and B−C images along with the tracks across the microlensing patterns for
images A (left) and B (right). The large circle shown on each pattern is the
Einstein radius, while the small circles have the half-light radius of the optical
disk and are shown at the positions corresponding to the epochs of the X-
ray observations. The overall length of the line corresponds to one decade of
motion. Darker colors represent logarithmically higher magnifications with an
overall magnification range from 1/30 to 30. This is a Case I example with
fairly large differential offsets. It has a high stellar surface density (f∗ = 0.7), a
large amount of smooth optical emission (fnoµ = 0.4), and the X-ray source is
14 times smaller than the optical.

to the expected inner edge of the accretion disk than the optical
emission, as we might expect for a hot corona. The optical size
is broadly consistent with the expectations for an Eddington
luminosity black hole with a mass estimated from the emission
line widths (Equation (4)). This differs from the conclusion
by Pooley et al. (2007) for this object because they used a
significantly lower estimate of MBH = 2.5 × 107 M⊙ for the
black hole mass based on the quasar luminosity rather than
line width measurements, and because their approximation for
the microlensing size is somewhat large compared to a full
calculation. If we use their preferred values of L/LE = 1/4 and
η = 0.15, they would estimate that R

theory
λ = 2.8 × 1014 cm

instead of R
theory
λ = 8.5 × 1014 cm, and their microlensing size

estimate corresponds to Rλ = 5×1015(⟨M⟩/M⊙)1/2 cm instead
of our more quantitative estimate of Rλ = 1.3 × 1015 cm. Thus,
where Pooley et al. (2007) find that the two sizes disagree by
a factor of 18, we find that they differ by a factor of 50% that
is well within our uncertainties. However, our estimate of the
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Figure 5. Same as in Figure 4. This is a Case II′ example, so the magnification
offsets are small and the same for both the optical and X-ray data. It has a
very low stellar surface density (f∗ = 0.1), a little smooth optical emission
(fnoµ = 0.2), and the X-ray source is 32 times smaller than the optical.

size, whether from theory (Equation (4)) or from microlensing,
is inconsistent with that expected for a thermally radiating disk
with a T ∝ R−3/4 temperature profile and the observed optical
flux (Equation (3)).

Should we conclude that the thin disk model is wrong or
simply that we have oversimplified the optical radiation transfer?
We considered contamination by line emission or scattering
of the optical photons, finding that this can modestly reduce
the disk size for the range where up to 40% of the optical
emission does not come directly from the disk. Our simple
emission model neglects the disk atmosphere and heating of the
outer disk by radiation from the inner disk, all processes which
would tend to make the optical emission region larger than the
point where the disk has a temperature matching the photon
wavelength without any change in the underlying properties
of the disk. Many of these effects are included in recent disk
models such as Hubeny et al. (2001) or Li et al. (2005).
Suppose we consider a face-on disk with MBH = 108 M⊙,
Ṁ = 0.09 M⊙ yr−1 (40% of Eddington) and a BH spin of
a = 0.998. For this mass and accretion rate, our simplified
model in Equation (4) gives R

theory
λ /rg = 41 and R

theory
1/2 /rg =

2.44R
theory
λ /rg = 100 for λobs = 0.81 µm. If we compute

the same two scales using the Hubeny et al. (2001) models,

Simulated magnification map of image 
B of RXJ 1131 (Dai et al. 2010) 

of the caustic crossing and microlens mass. In the following
subsections we choose and discuss the parameters used in the
calculations.

2.2.1. Accretion Disk Parameters

For the disk inclination we adopt the averaged values given
by Nandra et al. (1997) from a study of the Fe K! line profiles
of 18 Seyfert 1 galaxies: i ¼ 35". The inner radius, Rin , cannot
be smaller than the radius of the marginally stable orbit, Rms ,
that corresponds to Rms ¼ 6Rg (gravitational radii Rg ¼ GM /c2,
where G is gravitational constant,M is the mass of central black
hole, and c is the velocity of light) in the Schwarzschild metric
and to Rms ¼ 1:23Rg in the case of the Kerr metric with angu-
lar momentum parameter a ¼ 0:998. To select the outer radius,
Rout , we take into account previous investigations of the X-ray
variability that support very compact X-ray–emitting disks. In
particular, Oshima et al. (2001a) infer from the observed vari-
ation in the lensed blazar PKS 1830#211 a size of the X-ray con-
tinuum emission region of $3 ; 1014 cm, which is in agreement
with the estimation for QSO 2237+03050 given by Dai et al.
(2003). So, considering a range of black hole masses of 107–
109M%we can conclude that the X-ray emission is coming from
a compact region of the order of 10Rg–100 Rg. This range of
sizes is also acceptable for the Fe K! emission region (see, e.g.,
Nandra et al. 1997, 1999).

To explore the suitability of the various hypotheses explain-
ing the lack of adequate response of the X-ray continuum to the
microlensing events detected in the Fe K! line (see x 1), we
consider several combinations of disk sizes for the emitters of
both the continuum and the line: (1) the inner and outer radii of
both emission regions are the same,Rin ¼ Rms andRout ¼ 20 Rg;
(2) the inner radius is the same, Rin ¼ Rms, but the outer radius of
the X-ray continuum disk is smaller,Rout ¼ 20Rg, than the radius
of the line emission disk, Rout ¼ 80Rg; (3) the continuum emis-
sion disk has radii Rin ¼ Rms and Rout ¼ 20Rg, and the line emis-
sion disk hasRin ¼ 20Rg andRout ¼ 80Rg (the continuum emission
takes place in an inner part of disk surrounded by an annulus
of Fe K! emission); (4) the continuum emission disk has radii
Rin¼ 20Rg andRout ¼ 80Rg, and the line emission disk has Rin ¼
Rms and Rout ¼ 20Rg (the Fe K! emission is located in the inner
disk and the continuum emission in the outer annulus).

We adopt the central object mass from Bian & Zhao (2002).
We assume a black hole of mass M8 ¼ 108 M%. We use this
value in order to determine the effective temperature distribu-
tion. This value is in agreement withWang et al. (2003), where it
was found that the majority of QSOs have black hole masses in
the range of 108–109 M% .

It is difficult to discuss the validity of different emissivity
laws for demonstrating the X-ray emission (in the line as well as
in the continuum), but sometimes, as for example in the case of

Fig. 2.—Left:Microlensing map of QSO 2237+0305A image with 16 ERR (177,372Rg) on a side (Abajas et al. 2005). Right: A small part (square in the left panel )
of the microlensing pattern, compared to a face-on accretion disk. The assumed outer radius of the disk is Rout ¼ 1000Rg.

TABLE 1

Projected ERR for Different Deflector Masses for the Three Lensed QSOs where Microlensing of the Fe K! Line Is Suspected

Object zs zl 1 ; 10#4 M% 1 ; 10#3 M% 1 ; 10#2 M% 1 ; 10#1 M% 1 M%

MG J0414+0534......................................... 2.64 0.96 20.3 64.2 203.1 642.3 2031.1

QSO 2237+0305......................................... 1.69 0.04 11.2 35.4 112.1 354.5 1121.0

QSO H1413+117 ........................................ 2.56 1.00 19.8 62.5 197.7 625.2 1977.0

Notes.—Expressed in gravitational radii. The three QSOs are J0414+0534 (Chartas et al. 2002), QSO H1413+117 (Oshima et al. 2001b; Chartas et al. 2004), and
QSO 2237+0305 (Dai et al. 2003). The values used for the cosmological constants are H0 ¼ 50 km s#1 Mpc#1 and !0 ¼ 1. The black hole mass is assumed to be
108 M%.

MICROLENSING OF Fe K! LINE AND X-RAY CONTINUUM 623No. 2, 2006

Microlensing map of QSO 2237+0305A image 
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●     We  are performing multiwavelength monitoring of several quasars :	
	
RX J1131-1231    (zs = 0.658, zl = 0.295) 	
Q J0158-4325       (zs = 1.29, zl = 0.317) 
SDSS0924+0219  (zs = 1.524, zl = 0.39)	
Q 2237+030         (zs = 1.60, zl = 0.04)	
HE 0435-1223      (zs = 1.689, zl = 0.46) 
PG 1115+080       (zs = 1.72, zl = 0.31) 
SDSS1004+4112  (zs = 1.734, zl = 0.68) 
QSO 1104-1805   (zs = 2.32, zl = 0.73)	
 
with the main scientific goal of measuring the emission structure near the 
black holes in the optical\UV and X-ray bands in order to test accretion 
disk models. 	
●    X-ray monitoring observations were performed with Chandra	
●    Optical (B, R and I band) observations were made with the SMARTS 
Consortium 1.3m telescope in Chile.	

Dissecting an Accretion Disk with Microlensing	
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Constraints on Corona Size from Microlensing 
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Monitoring of RX J1131-1231 with Chandra	

Images in the 0.2 - 10 keV bandpass of the Chandra observations of 	
RX J1131-1231.	

A

C

DB

(a)

1 arcsec

(b)

1 arcsec

(c)

1 arcsec

(d)

1 arcsec

(e)

1 arcsec

(f)

1 arcsec

Data taken between April 4, 2004 & July 1, 2014.  
38 pointings, between 4-28 ksec each.  
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Chartas+ 2016	

0.2-10 keV fluxes	
• Evidence for 
microlensing in 
Images A & D.	

 Microlensing detected in 0.2 – 10 keV light-curves of RXJ1131	
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``Reflection'' of an incident power-law X-ray spectrum (dashed line) by a cold slab of 
gas with cosmic abundances. The principal observables from the reflection are the 
iron K fluorescent line at 6.40keV and a ``Compton reflection hump'' peaking at ~ 30 
keV. Courtesy of Chris Reynolds.	

Microlensing of a Quasar’s Accretion Disk	

soft band hard band

incident 
power-law

reflected spectrum
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Evidence for Microlensing in all Images of RXJ1131	
	

Shifted Fe Kα line in Spectrum of image C (1/21/2011) 
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Chartas+ 2016	

1/21/2011, Image C	

• Significant changes of line centroids and equivalent widths.	

A

C

DB

(a)

1 arcsec

•  4 images × 38 pointings = 152 spectra  
•  78 lines (>90%CL), 21 lines (>99%CL)  

“Double” 
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Evidence for Microlensing in all Images of RXJ1131	
	

Shifted Fe Kα line in Spectrum of image B (1/1/2007) Observed Spectrum 
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1/1/2007, Image B	

• Significant spectral variability, including the centroid and 
equivalent width of the Fe-K! line.	

Significant spectral variability, including the centroid and  
equivalent width of the Fe Kα line  
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g-Distribution of Line Centroids of RXJ1131	

RXJ1131 (A+B+C+D)
> 99% Confidence

gmax = 1.15 

(a)
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Red/blueshift: 0.59-1.29 (90% CL) 

Red/blueshift: 0.61-1.15 (99% CL) 

Chartas et al. 2017 
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g-Distributions of QJ0158 and SDSS1004	

Chartas et al. 2017 
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g-Distribution of Q2237 
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g-Distribution of HE0435 
gmin = 0.39 gmax = 1.27

HE 0435-1223      (zs = 1.689, zl = 0.46) 

Q 2237+030         (zs = 1.60, zl = 0.04)	

g-Distributions of HE 0435 and Q 2237  

Extremal shifts of the Fe Kα line 
energy in HE 0435 imply  
•  3rg < rISCO < 4rg 
 
•  spin ~ 0.7 

gmax ~ 7 keV implies face on 
geometry 
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Generalized Doppler Shift Generalized Doppler Shift 

δ =
1− vφ

2

1− vφ cosθ c

,  where vφ  is the azimuthal velocity 

and θc  is the angle between our line-of-sight and the 
direction of motion of the emitting plasma.

€ 

A = r2 + a2( )2
− a2Δ sin2θ,  Σ = r2 + a2 sin2θ,  Δ =  r2 − 2rgr + a2

€ 

g =
Eobs

Eemit

= δ
ΣΔ
Α

Where the Doppler shift is: 

A, Σ, and Δ are defined as 

The observed energy of a photon emitted near the event horizon of 
supermassive black hole will be shifted with respect to the emitted rest-
frame energy due to general relativistic and Doppler effects.  
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g versus radius for RXJ1131	

gmax = 1.29 è     i > 64° 

gmax = 1.29 è     i > 76° 
gmin = 0.59                          rISCO < 8rg 
Assume gmin and gmax  
occur at same radius 
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g versus radius for HE0435	
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Figure 6. Extremal shifts of the Fe K↵ line energy for i = 85 and a = 0.63. The inner radius of the accretion disk is constrained
to be 3Rg < rISCO < 4Rg.

Extremal shifts of the Fe Kα line energy in HE 0435 imply 3rg < rISCO < 4rg 
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Numerical Simulations of Microlensing Events	

(1)  Modeling of the Fe-Kα 
emission.  

 
• General relativistic ray 
tracing code (HK 2012). 
 
• Assume lamppost, wedge, 
or spherical corona.  
 
• Simulate a=0, 0.1, ...0.9, 
0.95, 0.98, 0.998.  
 

(2) Modeling of Microlensing.  
 
•   Inverse ray shooting. 

 
•  Simple parameterization of 

magnification close to caustic 
fold.  

 

Krawczynski+ 2017 

Modeling of the Effect of Microlensing	

  
µ=µ0 +

K
y⊥

H ( y⊥ )

Magnification close to caustic 
fold (from expansion of 
Fermat potential):	

  

K
µ0

≈β ζ E  with β~1.

Witt, Kayser, & Refsdal 1993,	
Chartas et al. 2002.	

0 2 4 6 8 10
y�[rg ]

2
4
6
8
10
12
14

�

 β = 0.5

  
ζ E = 1640rg    MBH = 2×108 M⊙

In the following:	

Use for first qualitative insights into phenomenology.	



Manhattan Microlensing 2017 
 

Chartas+ 2016, 2017; Krawczynski+ 2017 
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Simulated g-Distribution of Line Centroids	

Simulated distribution of the single and double peak energies for a black 
hole with a spin of  a = 0.3 seen at an inclination of i = 82.5°  
 

Chartas+ 2016, 2017 
Krawczynski+ 2017 
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Double Fe Kα Emission Lines (“doubles”)	

•  Double peaks are reproduced in our numerical simulations. 
 
•  Moderate correlation between Emin and Emax : 
For image A (Kendall’s  τ = 0.6, P > 98% CL) 
For all images (Kendall’s  τ = 0.4, P > 97% CL)  
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1/21/2011, Image C	

• Significant changes of line centroids and equivalent widths.	
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ΔE-distribution of doubles	
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Dependence of ∆E on Spin	
• K/µ0= 20, i=82..5˚, offsets: -30 rg … 30 rg. 	

 E [keV]6
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a=0	 a=0.98	

Distance between peaks depends strongly on black hole spin.	

Simulated ΔE-distributions of RXJ1131 

The distribution of energy separations of doubles depends 
strongly on black hole spin 

Chartas+ 2016, 2017, Krawczynski+ 2017 
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g versus Equivalent Width of shifted Fe Kα Line 
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Strong correlation of g vs. EW 
Kendall’s  τ = 0.3, P > 99.9% CL 
 
One possible explanation of this 
correlation is that blueshifted line 
emission is Doppler boosted resulting 
in the observed EW of the blueshifted 
lines being larger than the redshifted 
lines. 
 
Supports microlensing interpretation!  
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Conclusions 

(1) Redshifted and blueshifted Fe lines with EWs between 500 - 3000 eV 
are detected in 5 lensed quasars. We interpret these energy shifts as the 
result of microlensing of accretion disk emission within ∼ 20 rg of the 
black hole.  
 
(2) For RXJ1131 we constrain  i > 76° and rISCO < 8.5rg. For HE 0435 we 
find 3rg < rISCO < 4rg 
 
(3) Several spectra show two shifted Fe lines (doubles). Our numerical 
simulations reproduce the observable results including the doubles.  
 
(4) Our simulations show that the distribution of the energy separations of 
doubles is strongly dependent on spin.  
 
(5)  The next step is to correct for selection bias, fit the results from the 
numerical simulations to the Chandra data and explore the dependence of 
the results on corona properties. 
 


